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Summary. We present the results of a spectroscopic analysis of the
classical “subdwarfs” HD 19445 and HD 140283 on the basis of
new observational material. This analysis makes use of empirical
model atmospheres designed to reproduce the observed con-
tinuous flux and the Fe1 excitation equilibrium. It is shown that
these models are also able to reproduce the strong line profiles.
The difference between the empirical and theoretical models for
these extreme metal-poor dwarfs is tentatively attributed to non-
local convection.

We compare the two classical methods of analysis: absolute
and differential. We show that the differential analyses of these
very weak-lined stars relative to the sun are affected by systematic
errors due to the poor knowledge of the damping constants and to
the difficulty of locating the continuum in the blue region of the
solar spectrum.

The effective temperature and surface gravity are determined
by spectroscopic and photometric methods. It turns out that, while
HD 19445 is a dwarfstar (logg =4.0), HD 140283 may be classified
as a subgiant (logg=3.2). The trigonometric parallax of
HD 140283 is incompatible with its spectroscopic surface gravity.
The comparison of the position of these stars in the (T, logg)
diagram with recent isochrones shows that it is nearly impossible
to obtain a reasonable age for both stars by using the same value of
the mixing length parameter for both.

We have determined the abundances of a number of elements.
The main results are the following:

— the iron abundance is lower than indicated by past analyses;

— oxygen is strongly overabundant relative to carbon and
iron;

— the “a-elements” magnesium, silicon and calcium are signifi-
cantly overabundant relative to iron;

— aluminium is overdeficient with respect to magnesium;

— manganese is overdeficient relative to the other iron group
elements;

— the behaviour of the s elements is in agreement with the
conclusions of Spite and Spite (1978);

— strontium is overabundant relative to barium;

— the abundances of sodium and cobalt seem in contradiction
with the results for aluminium and manganese.

The implications of these results for the nucleosynthesis and
galactic evolution theories are briefly discussed.
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1. Introduction

A preliminary analysis of the two well-known metal-poor stars
HD 19445 and HD 140283 was reported in an earlier paper
(Magain, 1984b=Paper I). This study was based mainly on an
analysis of Fe 1 lines, using the very accurate oscillator strengths of
the Oxford group (Blackwell et al., 1982a, and references therein).
It was shown that:

(1) the differential analyses of these very weak-lined stars
relative to the sun are affected by systematic errors due to the large
difference between the solar and stellar equivalent widths;

(2) the continuous fluxes computed from the theoretical model
atmospheres do not fit satisfactorily the observed ones. This
discrepancy was tentatively attributed to convection which, in the
theoretical models, is taken into account through the (rather poor)
mixing-length approximation.

One of the aims of the present paper is to re-examine the
conclusions of Paper I on the basis of new high quality spectro-
photometric observations (Oke and Gunn, 1983) and of an
extension of the spectral range towards the ultraviolet, where
many interesting lines are present. As will be shown in Sects. 3 and
4, these conclusions are not only confirmed, but also strengthened.
The other important goals of this paper are (1) to examine the
position of these stars in the HR diagram, in the hope of estimating
their mass and age (Sect. 6) and (2) to determine the abundances of
a number of elements in their atmospheres in order to test the
nucleosynthesis and galactic evolution theories (Sects. 7 and 8).

Before going into the details of the analysis, it may be useful to
make our position on the question of spectroscopic analysis of
halo stars as clear as possible. OQur analysis is in some ways
extremely classical: we use photographic spectra, plane parallel
model atmospheres and the assumption of local thermodynamic
equilibrium (LTE). The choice of the stars is itself classical: these
are the well-known “subdwarfs” analysed by Aller and Greenstein
(1960) and a number of other authors (see Table 1 of Paper I). Less
classical for papers dealing with metal-poor stars are the number
of stars considered (two) and the quality of the spectral material
used. The higher quality of our data is demonstrated in Paper I
and in the next section (see also Magain, 1984a, for a more
complete discussion). This higher quality of our spectra naturally
called for a more ambitious analysis: some assumptions of past
analyses may be tested, finer effects may be discovered. So, the
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main aim of this paper is to realise a detailed and accurate analysis
of a very limited number of representative halo dwarfs. It is clear
that the loss of a statistically significant sample is a handicap when
comparing the results with the predictions of galactic evolution
theories. But we believe that the careful analysis of a small number
of representative stars is absolutely essential for several reasons.
First, rough analyses of a large number of stars (e.g. by photometry
or low dispersion spectroscopy) must be calibrated on a certain
number of carefully analysed standard stars covering the range (of
effective temperature, surface gravity, chemical composition, ...)
considered. Moreover, these rough analyses are generally based on
a certain number of assumptions (such as a common deficiency of
all heavy elements, or a constant microturbulent velocity) which
must be confirmed, or invalidated, by detailed analyses. And last,
but not least, careful detailed analyses with high quality data may
(and do) reveal effects which are overlooked by rougher studies — in:
which we include many high dispersion analyses, in particular
those based on a single noisy spectrum. Among these effects, we
may mention the systematic errors in differential analyses, the
discrepancy between the observed continuous fluxes and the
predictions of theoretical model atmospheres or the (probably
related) discrepancy between the Fe1 excitation equilibrium and
the photometry [similar effects reported earlier in the literature
were due to errors in the laboratory oscillator strengths (Peterson
and Carney, 1979) or in the methods of analysis]. Finally, as long
as the relative abundances are concerned, many interesting
variations are within a factor two and need a high quality analysis
to be unambiguously demonstrated. It will be shown, in the last
sections, that an accuracy much better than a factor two is within
the reach of a careful analysis, even for these rather faint stars. In
the classification introduced by Pagel (see Gustafsson, 1980)
between “ultimate refiners” and “broad sweepers”, we certainly fall
in the first category.

2. Spectral data

The observational material and reduction procedure were briefly
described in Paper L. For the present analysis, the Haute Provence
Observatory (OHP) plates were recorded in the near ultraviolet in
order to extend the spectral range and to include lines of elements
poorly represented in the blue. So, the OHP data consist in 19
baked ITa-O plates with a reciprocal dispersion of 12.4 Amm™?,
corresponding to a resolution of about 0.25A. The 9 plates of
HD 19445 were recorded from 3500 to 4900 A, while the 10 plates
of HD 140283 were usable from 3700 to 4900 A. The data for
HD 140283 are supplemented by 6 baked ITa-O plates from the
1.52m ESO telescope at La Silla (Chile), with the same reciprocal
dispersion. These 6 plates were recorded from 3500 to 4200 A. The
different spectra of the same set were finally co-added in order to
increase the signal-to-noise ratio (see Paper I).

A plot of ESO versus OHP equivalent widths for the range in
common reveals a systematic difference between these two sets of
data, the ESO equivalent widths being some 10% larger than the
corresponding OHP data (Fig. 1). Using 25 lines in the range
4000 A <A <4200 A, we find by least squares fitting:

W,(OHP)~0.88 W, (ESO)+ 1.8, (1)
where the equivalent widths are measured in mA.

This discrepancy (as similar ones in the comparison of data
from different authors, see Magain, 1984a) called for a deeper
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Fig. 1. Comparison of the equivalent widths measured on ESO and OHP spectra
for HD 140283. All equivalent widths are in mA

investigation of the possible systematic errors in our equivalent
widths. To this end, we obtained at OHP nine spectra of the
sunlight, reflected by the moon or by Mars, or scattered by the
terrestrial atmosphere. These solar spectra were obtained with the
same instrument as the stellar spectra, in the same conditions, and
reduced in exactly the same way. The use of neutral filters allowed
us to obtain an exposure time comparable to the stellar ones.
These nine spectra were co-added in the same way as the stellar
spectra and compared to the high resolution, low noise spectrum
of the solar irradiance obtained at Sacramento Peak Observatory
by Beckers et al. (1976). Since at a resolution of 0.25 A the crowding
of the lines in the blue region of the solar spectrum prevents to
locate accurately the continuum, it is meaningless to compare
“equivalent widths” measured on these two spectra. Moreover,
this problem of continuum location being absent from the metal-
poor stars spectra, it is desirable to avoid it in the comparison of
the solar spectra. So, we convoluted the Sacramento Peak
spectrum with the instrumental profile of our spectra (approx-
imated by a Gaussian of empirically determined width) before
comparison. This comparison is displayed in Fig. 2 for a typical
spectral region. The agreement is very satisfactory, indicating that
the OHP data are probably free of any significant systematic error.
So, we must conclude that the ESO equivalent widths are
overestimated by some 10%. The source of this error is unknown
to us, but we might suspect the calibration plates which are not of
the highest quality in this particular case.

The internal accuracies of the different sets of equivalent
widths for the two stars in question were compared in Paper I
where it was shown that our data are superior to previously
published ones. A more detailed discussion may be found in
Magain (1984a). The equivalent widths measured on our spectra
are listed in the Appendix.
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3. Construction of empirical model atmospheres

As was shown in Paper I, the theoretical (flux constant) model
atmospheres fail to reproduce the observed continuous flux of
these stars. This conclusion is based on two independent
observations:

(1) the effective temperature obtained from blue-visual colour
indices is some 200 K higher than the temperature deduced from
the red-infrared indices;

(2) when a model is selected so as to reproduce the spectro-
photometric observations in the red-infrared, the model con-
tinuous flux is lower than the observations in the blue-violet.

These two observations may be considered as independent
since the calibration of the colour indices (see, .g., Magain, 1983)is
completely independent from the calibration of the spectro-
photometry. However, the conclusions of Paper I were based
mainly on spectrophotometric data published before 1983. Since
then, very high quality observations have been reported by Oke
and Gunn (1983), so we are now able to carry out a more detailed
analysis of the discrepancy. In order to avoid any additional
uncertainty coming from the absorption lines, we have corrected
the Oke and Gunn observations for the line blanketing by
measuring on our spectra the fraction of the flux blocked by the
lines in the scanner bands shortwards of 4900 A. At longer
wavelengths, we selected the scanner bands in which the line
absorption was found to be negligible by comparison with the
solar spectrum. Note that in the whole spectral range, the bands
containing strong lines were rejected, so that the correction for line
absorption never exceeds 0.05 mag.

When the data are compared to the continuous fluxes predic-
ted by the most sophisticated model atmospheres available
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Fig. 3. Comparison of the temperature distributions of the different models of
HD 19445. Full line: empirical model. Long dashes: theoretical model selected to
match the spectrophotometric observations. Short dashes: theoretical model
reproducing the Fe1 excitation equilibrium

© European Southern Observatory ¢ Provided by the NASA Astrophysics Data System


http://adsabs.harvard.edu/abs/1985A%26A...146...95M

98

™

0ol HD 19445

- Ry

0.5

HD 140283

5 I 1 I
0.4 0.6 0.8 1.0

Alpm) 12
Fig. 4. The corrected Oke and Gunn observations (crosses) are compared with
the continuous fluxes predicted by the different models, normalised at 5560 A.
See Fig. 3 for the meaning of the different curves

(Gustafsson et al., 1975; Kurucz, 1979), the discrepancy mentioned
in Paper clearly appears (Fig. 4). It may be described in the
following way. If a model is selected in order to match the observed
continuous flux in a limited spectral range (say, a 2000 A interval),
the effective temperature obtained increases as the selected
spectral range is shifted towards the blue. Since, in this spectral
region, the flux at shorter wavelengths originates from deeper
layers in the atmosphere (due to a decrease of the continuous
opacity towards the blue), this observation seems to indicate that
the theoretical model atmospheres underestimate the temperature
gradient in the layers contributing to the bulk of the continuous
flux. But, in the stars considered here, these layers correspond to
the top of the convection zone, which is just the region where the
mixing-length “theory” of convection is most inaccurate. So, we
may conclude that the discrepancy between theory and obser-
vation is probably due to non-local effects at the top of the
convection zone. Before a satisfactory theory of convection is
available, the best we can do is to replace the theoretical models by
empirical ones designed to match as many observations as
possible.

We have devised a method to determine the temperature
distribution in the layers contributing to the bulk of the con-
tinuous flux. The continuous flux at wavelength A may be com-
puted from:

+
F§e=2mIn10 | 8,(c0) Ex(t;) 2 odlogeo, @)
— 0

where 1, is the optical depth at wavelength 1 and 7, the standard
optical depth (here, at 4,=>5000 A) and x;,(x,) is the continuous
opacity at wavelength A(4,). E,(7) is the exponential integral (see,
e.g., Gray, 1976) and S, () the source function.

The principle of our method is the following. We start with a
trial model, from which we compute the continuous flux F$*° via
Eq. (2). We then compare it to the observations F> and compute
the flux errors:

$fi=(F3»—FF)/F,. (€)

(Since the absolute scale of the observed flux at the stellar surface is
not known, it is necessary to work relative to the flux F, at a certain
reference wavelength /,.) The corrections of the temperature
distribution are then derived from the flux errors by differentiating
Eq. (2). We get

5f,= tjw KO, x)6T(x)dx, @)

where x=logt,, 6T(x) is the temperature correction and

K;i To

= ®)

0B,

K(4,x)=2r1n10 aT E,(ty) %, F,
In computing K(4, x), we have made several approximations: we
have assumed that the source function is equal to the Planck
function B,(T) and that the variations of E,(t;) and k,/x, with
temperature are negligible compared to the variation of the Planck
function. We adopt an iterative procedure in which the correction
O0T(x) is used to compute a better model from which new flux
errors are obtained, and so on. Thus, the approximations in the
computation of K(4, x) (but not in the computation of F$*°) may
alter the rate of convergence but not the final solution. Note that
the determination of §T(x) from Eq.(4) is, as many inverse
problems, an “ill-posed problem”, i.e. a small error on df; induces
an enormous error on 6T(x). To solve such a problem, we must
impose some additional constraint on 6 T(x). A natural constraint
in such an iterative procedure is to force 6T(x) to be sufficiently
small. The problem is then solved by least squares after discre-
tization, minimizing the quantity:

F= ;[;K,.jan—af,]z +n;5TjZ, (6)

where index i refers to the different wavelengths of observation and
index j to the different depth points. n is a parameter which
determines the relative importance of the two terms in Eq. (6). As
increases, the stability of the solution is improved but the rate of
convergence is decreased. By varying the parameter # and the
starting temperature distribution, we have checked that this
method leads to an unambiguous solution in the region
—0.5<logTy < +0.5, that is in the layers where the bulk of the
continuous flux is formed (Magain, 1984a). In the shallower layers,
we determine the temperature by requiring the Fel excitation
equilibrium to be satisfied. [The detailed form of the T(z) relation
in these layers is fixed by comparison with the temperature
distribution of the theoretical Gustafsson models, assuming that
convection has a negligible effect there.]

In Fig. 3, the empirical temperature distribution for HD 19445
is compared with the T(z) relations of two theoretical Gustafsson
models: the first reproducing the Fe1 excitation equilibrium and
the second giving the best match to the continuous flux in the
region 5000 A < 1< 12,000 A. The empirical model for HD 140283
is nearly identical, given the difference in effective temperature
between the two stars. The continuous fluxes predicted by the
different models discussed above are compared with the Oke and
Gunn (1983) observations in Fig. 4, while Fig. 5 shows that the
empirical models also reproduce very well the H, line wings. The
situation is the same for other Balmer lines. The hydrogen line
wings being primarily sensitive to the temperature structure of the
deeper layers, this excellent agreement confirms the validity of the
models built from the continuous flux. As Fig. 6 shows, these
empirical models also very satisfactorily reproduce the CanK line
profile, which is sensitive to the form of the T(t) relation through
the whole atmosphere. The surface gravity used in computing
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i Fig. 5. The H; profile of HD 19445 is compared
with the calculation using the empirical model.
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Fig. 6. Comparison of the profile of the Ca 11 K line of HD 19445 (crosses) with the

predictions of the empirical model (full curve) and of the theoretical model
selected from the photometry (dashed curve)

these profiles was determined from independent criteria, and the
Ca abundance was deduced from weak Cal1 lines (see Sect. 5). The
discrepancy occurring in the line core may be attributed either to
non-LTE effects or to errors in the observed profile (the photo-
graphic calibration being most delicate in the very low exposure
region). Note that this discrepancy is stronger when the theoretical
models are used to compute the line profile. Once more, the
empirical models give the best fit to the observations.

In summary, we may conclude that the empirical models
designed to reproduce the observed continuous flux and the Fe1l
excitation equilibrium provide the best fit to the bulk of available
observations. Although they were not at all designed to reproduce
line profiles, they prove able to fit very well both the Balmer line
wings and the K line of Can. On the other hand, as most model
atmospheres available up to now, they are based on a certain
number of strong assumptions, such as plane parallel stratifica-
tion. If, as we feel, convection plays an important role in these
stars, it may not be safe to neglect temperature inhomogeneities or
turbulence phenomena. However, the quality of the available data

does not warrant to go much further in sophistication. It may be
the time to recall that similar plane-parallel empirical models, such
as the Holweger-Miiller (1974) model, are extremely successful in
solar spectroscopic analyses (see, e.g., Sauval et al., 1984; Grevesse,
1984). Finally, we should add (as was already noted in Paper I) that
the results of the spectroscopic analysis using the empirical model
are not significantly different from the results of the analysis with a
theoretical model, as long as the latter is selected in order to satisfy
the Fer excitation equilibrium.

4. Methods of line analysis

As in Paper I, we use a detailed line-by-line analysis, the line
abundances being computed in order to reproduce the observed
equivalent widths. The computer program is not the same as the
Meudon program used in Paper I, but is based on the same
assumptions, mainly local thermodynamic equilibrium (LTE). We
have checked that the two programs give essentially the same
results for the stars considered here.

An important conclusion of Paper I was that the differential
analyses of these very weak-lined stars relative to the sun are
subject to important systematic errors, due to the large difference
between the solar and stellar equivalent widths. The source of
these large errors (sometimes more than a factor two) was
identified as a wrong choice of the damping constants, affecting the
solar line abundances and, thus, the stellar abundance relative to
the sun. However, although correct, this explanation is only part of
the truth, especially when the analysis is based on the blue spectral
range, where the crowding of the lines in the solar spectrum may
add significant errors.

To illustrate this, consider the sixteen Fel lines used in the
HD 19445 analysis of Paper I. Since these lines are reasonably
weak in the star and since no crowding or continuum location
problem is present in the stellar spectrum, the stellar absolute Fe
abundance is practically independent of the choice of the damping
constants and, of course, completely independent of any problem
in the determination of the solar equivalent widths. So, any error in
[Fe/H], that is in the stellar Fe abundance relative to the sun,
arises essentially from an error in the solar absolute Fe abundance,
as deduced from the set of lines considered (i.e. the lines well suited
for the stellar analysis). Accordingly, the errors in the stellar
[Fe/H] due to the use of a differential analysis may be investigated
by considering the solar spectrum alone.
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! To carry out the solar analysis, we use the Holweger-Miiller

(1974) model with a microturbulent velocity of 0.9kms™! at the
. center of the solar disk. We compute the abundances for the 16
lines considered, using the Oxford oscillator strengths. Let us
recall that the solar Fe abundance obtained from this set of
oscillator strengths and the same model and computer program is
log Ag.=7.65 (in the usual scale log Ay =12.00) when weak Fel
lines are used. We shall adopt this figure as the correct solar Fe
abundance.

Let us now compute the solar Fe abundance from the set of 16
(rather strong) lines used in the differential analysis. First, we use
the equivalent widths of the MMH catalogue (Moore et al., 1966).
If we adopt a damping constant y4 increased 2.5 times over the
Unsoéld formula (Gray, 1976), i.e. f¢=2.5, we obtain logA=7.17
+0.17 (standard deviation), that is a factor 3 below the correct
value, for a standard choice of the damping constants. Choosing
fe=11eads to log A =7.46+0.20. Thus, an uncertainty of a factor
2.5 in y¢ produces an uncertainty of a factor 2 on the solar Fe
abundance. Adopting the damping constants of Simmons and
Blackwell (1982) leads to log 4 ="7.4140.20, which means that a
systematic error of —0.24 dex remains when the best damping
constants are used.

Since the MMH equivalent widths are affected by non
negligible errors, the next step consists in measuring the equivalent
widths on a high resolution, low noise solar spectrum. Here we use
the Liége atlas (Delbouille et al., 1973). Among the 16 lines
considered, we find that 9 are too badly blended to be measurable
with acceptable accuracy (which may not be found, of course, by
simply consulting the MMH catalogue). Using the 7 remaining
lines, we find log A =7.51 4 0.08 with the Simmons and Blackwell
damping constants. Note that for the same 7 lines, the MMH
equivalent widths lead to log4=7.36+0.12, so the use of better
data leads to a reduction of both the systematic and random
errors.

Even with these improved equivalent widths, a discrepancy of
0.14 dex thus remains, which is unacceptably large for a careful
solar analysis. On closer examination, it appears that the contin-
uum is not well defined in the vicinity of 6 of these lines (out of 7!).
Only high points are measurable, but no “flat portion” reminiscent
of a continuum. Since there is no reason to believe that these high
points are located on the continuum, and not below, the local
continuum drawn through these points will generally be lower
than the true continuum. This will result in a systematic underesti-
mate of the solar equivalent widths. If we use the single line with a
relatively well defined local continuum (4 4489.75), we obtain log A
=7.64, in excellent agreement with the adopted value.

It appears therefore that the differential and absolute analyses
will give the same result provided that:

(1) good damping constants are used;

(2) the solar equivalent widths are carefully measured on a
high resolution, low noise spectrum;

(3) only unblended lines with a well defined local continuum
are used (in both the solar and stellar spectra).

This may seem trivial but is practically never realised in
spectroscopic analyses of such stars. The example above shows
that condition (3) drastically reduces the number of lines which
may be used (here, from 16 to 1). In many cases, no line will satisfy
entirely this condition. And, if some do, the problem of the
damping constants will generally still be there. These drawbacks of
the differential analyses prompt us to rely on experimental
oscillator strengths and, thus, to realise an absolute analysis. This
is easy in the case of Fer, for which very accurate oscillator
strengths are available (Blackwell et al.,, 1982a, and references

therein), but the situation may be much less favourable for other
atoms or ions.

5. Determination of the physical parameters

This section is concerned with the determination of the so-called
“physical parameters” of the atmospheres of the stars in question,
namely effective temperature T, surface gravity g and micro-
turbulent velocity v,.

5.1. Microturbulent velocity

The microturbulent velocity is determined by requiring the
deduced abundance to be independent of the line equivalent width.
We use the Fe1 lines listed in Table 2 of Paper I (except the 2.2eV
lines, see Blackwell et al., 1984a). In order to avoid the systematic
error discussed in Magain (1984c), the procedure recommended in
that paper is adopted, ie. we plot the line abundances versus
theoretical equivalent widths instead of observed ones. We obtain
v,=1.4kms~! for HD 19445 and 1.5kms~! for HD 140283.

5.2. Effective temperature

(1) We first determine the effective temperature by computing the
integrated flux emitted by the empirical model atmospheres
discussed in Sect. 3. The correction for line blanketing is carried
out in the same way as in Paper I, i.e. by comparing the integrated
continuous flux of the empirical model with the corresponding
quantity for the theoretical model and assuming that the fraction
of the flux blocked by the lines is the same in both models.

(2) Theeffective temperature is also determined by the infrared
flux method (Blackwell and Shallis, 1977, Magain, 1984a). The
integrated flux is computed from the Oke and Gunn (1983) data,
supplemented by TUE spectra shortwards of 3080 A.

(3) Third, the effective temperature is derived from the ¥V — K
colours as given by Carney (1983), with the calibration of that
author.

The T values deduced by these three methods are sum-
marized in Table 1. The adopted uncertainties take into account
the uncertainty of each method as well as the very good agreement
between the different determinations.

5.3. Surface gravity

(1) The surface gravity may be determined from the Fe ionization
equilibrium: the same Fe abundance should be deduced from the
two stages of ionization. The main uncertainty of this method,

Table 1. Effective temperature

Method T.e¢ (K)
HD 19445 HD 140283
(1) Integrated flux 5890 5515
(2) Infrared flux 5885 5590
(3) V—K colour 5900 5580
Adopted value: 5890 5570
(£ 60) (£ 100)
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apart from possible non-LTE effects, comes from the rather poor
accuracy of the Fen oscillator strengths. In order to test the
internal accuracy of the different sets of published Fe 1 oscillator
strengths, we have computed the dispersion of the abundances
deduced from the different Fen lines measured on our spectra. It
appears that the data of Moity (1983) are best suited for our
purpose since this author gives oscillator strengths for all the lines
considered and since their internal accuracy is among the best.
Since any error on the absolute scale of these oscillator strengths
would produce a systematic error on the deduced surface gravities,
the accuracy of the absolute scale is even more important that their
internal accuracy. We have checked the absolute scale by compar-
ing the lifetimes deduced from Moity’s data for six Fe 11 levels to the
values measured by Hannaford and Lowe (1982). This comparison
indicates a systematic overestimate of Moity’s oscillator strengths:
dlog(gf)=0.0740.04. Accordingly, all Fen oscillator strengths
have been reduced by 0.07 dex. This correction corresponds to a
difference of 0.2 dex on the deduced surface gravity.

(2) We have used the Ti ionization equilibrium in a similar
way. The oscillator strengths of Ti1 lines are taken from Blackwell
et al. (1982c). For Tin, we consider the measures of Danzmann and
Kock (1980), Wolnik and Berthel (1973), the computations of
Kurucz and Peytremann (1975) and the compilation of Wiese and
Fuhr (1975). We adopt the absolute scale of Danzmann and Kock,
with a small correction of —0.02 dex, as determined by Blackwell
et al. (1982b). The adopted values are listed in the Appendix.

(3) Third, the surface gravity is deduced from strong Fe1 lines
with Oxford oscillator strengths. The damping constants are taken
from Simmons and Blackwell (1982). These values were deter-
mined from fits of the solar line profiles. The strong Fe1 lines used
for the surface gravity determination are listed in Table 2, along
with the gravity indicated by each line. These values are obtained
by forcing the abundance deduced from the strong line to equal the
valueindicated by the weak Fe1lines. In the two stars, the 4045.8 A
line indicates a surface gravity significantly higher than the other
lines. We were not able to find the source of this discrepancy and
attributed half weight to that line.

(4) The same method is applied to the strong resonance line of
Car1at 4226.7 A. Its oscillator strength is well known from lifetime
measurements (Wiese and Martin, 1980). Its damping constant is
determined from a fit of the solar line profile, with a solar Ca
abundance log A, =6.36 (Smith, 1981). We obtain an enhance-
ment factor fg=1.6 over the Unsold value. The stellar Ca
abundance is determined from 4 weak Ca1lines, with the oscillator
strengths of Smith and O’Neill (1975).

(5) We have also fitted the profile of the K line of Can, using
the same Ca abundance as above, an oscillator strength log(gf)
=0.135 (Wiese and Martin, 1980) and a damping enhancement
factor fg=1.5 determined from a fit of the solar line.

(6) The surface gravity is also determined from a measure of
the Balmer discontinuity. From the Oke and Gunn (1983)
spectrophotometric observations, we compute the quantity

D =m,(3560) — % [m,(4020) + m,(4060)], 6)

where m (A) is the magnitude of the continuum in the scanner band
centered on wavelength A. This continuum magnitude is calculated
by correcting the Oke and Gunn measurements for the line
absorption as measured on our spectra. The surface gravity is then
determined by forcing the model to give the right value of D.
The values of the surface gravity deduced from these six
methods are listed in Table 3. Considering the typical uncertainty
of a single determination (6 logg ~0.3), the agreement between the

Table 2. Gravity from strong Fe1 lines

A s logg

HD 19445 HD 140283
3820.4 1.1 3.92 322
3825.9 1.1 3.90 333
3859.9 1.0 4.03 3.25
4045.8 1.2 4.32 3.68
4071.8 1.2 4.19
4271.8 1.2 4.07
4383.6 1.2 417
Table 3. Surface gravity
Method logg

HD 19445 HD 140283
(1) Fe ioniz. equil. 39 3.0
(2) Ti ioniz. equil. 3.8 3.2
(3) Strong Fer lines 4.1 33
(4) Strong Car line 42 31
(5) K line profile 3.9 33
(6) Balmer discont. 42 33
Adopted value: 4.0 32

(£0.2) (£0.2)
Table 4. Physical parameters
HD 19445 HD 140283

T (K) 5890 (£ 60) 5570 (£+100)
logg (cms™?2) 4.0 (£0.2) 32(£0.2)
v, (kms™1) 1.4 (£0.2) 1.5 (£0.2)

six different determinations is excellent. Note that the quoted error
bars take into account this excellent agreement as well as the
typical uncertainty of each single value. The physical parameters
of the two stars are summarized in Table 4.

6. Mass and age

Once the effective temperature and surface gravity are known, the
mass of the star may be determined by two different methods. In
the first method (“method of the parallax™), the angular diameter ¢
is determined by the infrared flux method (Blackwell and Shallis,
1977; Magain, 1984a). Combined with the trigonometric parallax
7, the angular diameter gives the stellar radius R which, along with
the surface gravity (determined by spectroscopic means), allows to
compute the stellar mass. The relevant data are summarized in
Table 5. The parallax of HD 19445 is taken from Jenkins (1952).
For HD 140283, this catalogue lists three determinations, from
Yale (0.05240.011), Cape (0.034+0.012) and McCormick (0.010
+0.011) Observatories. However, a more recent determination
from the McCormick Observatory has been published since
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Table 5. Data for the computation of the stellar masses

HD 19445 HD 140283
7 (arcsec) 0.021 £+ 0.006 0.05040.012
# (1073 arcsec) 0.22 +0.02 0.36 +0.03
R/Rg 1.1 *+9¢ 0.8 *93
M/M 046733 0.03%3:93

Table 6. Mass and age deduced from the (T, logg) diagram

HD 19445 HD 140283
Mass (M) 0.7+ 0.1 1.1+03
Age (10° yr) 22 +10 4.5%39

(Ianna and McAlister, 1974). These authors give 7= 0.057 +0.009,
a value which differs considerably from the one previously
determined at that Observatory. Since the authors do not
comment on the discrepancy, we have adopted their more recent
value instead of the older one and computed a mean of that value
with the Yale and Cape determinations, following the Jenkins
procedure. This mean is the value listed in Table 5. Combined with
the spectroscopic gravity, this parallax implies a ridiculous mass
for HD 140283. This seems to indicate that either the trig-
onometric parallax or the spectroscopic gravity is wrong. Let us
recall, however, that six determinations give practically the same
value of the surface gravity (within a factor 2) while the agreement
with the trigonometric parallax would require a change of roughly
a factor 20 in the surface gravity. It might also be of some interest
to note that the only parallax compatible with the spectroscopic
gravity is the older McCormick determination (rejected here). To
solve this problem, we clearly need a new, accurate, parallax
determination. Let us wait for the Hipparcos satellite.

The stellar mass may also, in principle, be estimated by
comparing the position of the star in the HR diagram (or a similar
one) with theoretical evolutionary tracks. Similarly, the stellar age
may be deduced from the comparison of the stellar position in this
diagram with representative isochrones. Unfortunately, the un-
certainty in the value of the mixing length to use in the stellar
evolution calculations makes this procedure somewhat unreliable.
In fact, the use of the mixing-length “theory” itself might be
questioned (see Sect. 3). We use the evolutionary tracks of Mengel
et al. (1979), computed with a mixing length equal to the pressure
scale height (x=1I/H,=1), and the isochrones of Ciardullo and
Demarque (1977), based on the same stellar evolution calculations.
The mass and age estimates are made using the (T ¢, logg) diagram
in order to avoid additional uncertainties coming from the
trigonometric parallax. The mass fraction of helium is assumed to
be Y=0.25+0.05 and the heavy elements abundance corresponds
to Z=410"* for HD 19445 and Z=10"* for HD 140283. The
results are summarized in Table 6.

It should be pointed out that this value of the mixing length
(¢=1) is probably too low for Population I as well as
Population I stars (see, e.g., Van den Berg, 1983). A value of a~1.5
seems to be more appropriate. While this choice would not change
drastically the derived stellar masses, it would result in a significant
increase of the stellar ages. In fact, the data do not exclude that

logg

5 |
7000

6000 5000  Tefs 4000

Fig. 7. (T4, logg) diagram for stars with [Fe/H]< —1. Full curve: 15 billion
years isochrone with a=1. Dashed curve: estimate of the same isochrone with
a=1.5. See text for further details

HD 140283 might be at the bottom of the giant branch, in which
case its age would be essentially undetermined by the present
method. However, it seems impossible to obtain a reasonable age
for both stars (say, from 10 to 15 billion years) using the same value
of the mixing length for both. Part of this problem might be related
to the use of the mixing-length “theory”: since that “theory” does
not provide a satisfactory representation of the atmospheres of
those stars, as was shown in Sect. 3, its use in the stellar evolution
calculations may introduce non negligible errors. In addition, it
should be pointed out that the evolutionary tracks are computed
with the assumption that the relative abundances of the heavy
elements are solar, which is a rather bad approximation, as will be
shown in Sect. 7 below. This might also introduce significant
errors in the estimated ages. Note finally that this problem of age
determination might be related to the problem reported by
Michaud et al. (1984) who show that the evolutionary models are
unable to reproduce the Li abundances of the halo stars, as
determined by Spite and Spite (1982).

To provide a somewhat better illustration of the position of
these stars in the HR diagram, we have plotted in Fig. 7 the
representative points of the stars in the Cayrel et al. (1980)
catalogue with [Fe/H]< —1, along with the Ciardullo and
Demarque (1977) isochrone corresponding to Y=0.2, Z=10"*
and an age of 15 billion years (full curve). The dashed curve
corresponds to an estimate of the same isochrone, computed with
a mixing length equal to 1.5 (instead of 1) pressure scale height.
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The black dots represent the two stars analysed here and the white
dots correspond to the stars with T, and logg from the Cayrel et
al. catalogue. The error bars are estimated in the following way:

— if only one determination of T or logg is available, we
adopt 0T,=200K and dlogg=0.5;

— if several determinations are available, the error bars
correspond to twice the standard deviation of the mean values.

For some stars, no determination of logg was reported in the
catalogue. In these cases, represented by triangles in Fig. 7, we
estimated the surface gravity from the (b—y, c;) diagram of the
Stromgren photometry, using the calibration of Relyea and
Kurucz (1978).

The position of the giant branch is very sensitive to the adopted
mixing length but completely insensitive to age and only moder-
ately sensitive to Y and Z. It may therefore provide a means of
determining the mixing-length parameter . Note that increasing
Z results in a giant branch moving towards lower effective
temperatures, thus increasing the discrepancy between the a=1
isochrone and the observations. Since the adopted Z value is a
lower limit for the sample considered, the position of the giant
branch implies that a larger mixing length must be used (at least
«=1.5, in agreement with the value deduced from the study of
globular clusters).

Note, moreover, that the position of HD 140283 at the left of
the observed locus is compatible with the fact that this star is one of
the most metal-poor ones of the sample considered. The position
of HD 19445 seems more peculiar. In Bengt Gustafsson’s words,
although the location of these two stars in Fig. 7 does not appear
improbable, it looks somewhat extreme. Obviously, the complete
understanding of the HR diagram of the field metal-poor stars
requires further investigations.

7. Relative abundances

This section is devoted to the determination of the abundances of a
number of elements in the atmospheres of the two stars considered
and to the discussion of some straightforward implications of our
results concerning nucleosynthesis and galactic evolution. For the
sake of clarity, the elements are grouped according to the process
generally considered as mainly responsible for the formation of
their dominant isotope in solar system material. Thus, we consider
helium burning (producing C, N, and O), carbon burning (Na, Mg,
Al), oxygen burning (Si, Ca), silicon burning along with thermonu-
clear equilibria (responsible for the production of the iron group
elements) and the s process (Sr, Y, Ba). We are aware that this
classification is somewhat arbitrary since a single isotope may
sometimes be synthetized by several distinct processes and since
the dominant isotope may not be the same in Population I and
Population IT material.

7.1. The light elements: carbon, nitrogen and oxygen

These are key elements, first because of their high abundances
(they are the most abundant after H and He) and, second, as tests of
the galactic evolution theories. However, it is relatively difficult to
determine their abundances because no line of these atoms is
detectable in the visible part of the spectrum. One thus has to go to
other spectral regions (e.g., the infrared) or to rely on molecular
lines. We determined the carbon abundance from the analysis of
the CH band near 4300 A, while the oxygen abundance was
deduced from the O1 infrared triplet. On our spectra, the only

feature allowing in principle to determine the nitrogen abundance
is the CN band near 3880 A. However, we are not able to derive a
reliable abundance from this feature for two reasons:

(1) this band is barely detectable on our spectra, and difficult
to measure with sufficient precision;

(2) the dissociation energy of CN is not known with the
required accuracy. We consider that the attempts to determine the
dissociation energy of CN by fitting synthetic spectra to the
observed solar spectrum are subject to the drawbacks of differen-
tial analyses discussed in Sect.4. In particular, it is nearly
impossible to locate the continuum in that spectral region. In
order to illustrate these problems, we simply mention the fact that
Barbuy (1983) finds, for HD 140283, [N/Fe]~ +1.0 from the
analysis of the CN band, while Bessel and Norris (1982) obtain
[N/Fe]~ +0.5 for the same star by using the NH band near
3360 A.

No oxygen line is detectable on our spectra, so we use the
observations of Sneden et al. (1979) for the O triplet near 7774 A,
with the oscillator strengths of Wiese et al. (1966) and the solar
oxygen abundance recommended by Lambert (1978): logA,
=8.92.

The carbon abundance is derived from the analysis of the (0, 0),
(1,1), and (2, 2) bands of the A —X system of CH near 4300 A. Ata
resolution of 0.25 A, very few lines are isolated, so we have to rely
on synthetic spectra. We have selected two spectral regions
containing CH lines unperturbed by atomic lines:

(1) 4290 A <A <4300 A, containing three or four features due
to CH alone;

(2) 4322 A <A<4327A, containing the head of the Q(2,2)
branch, almost unperturbed by other lines.

All significant atomic and molecular lines were taken into
account, on the basis of the Moore et al. (1966) catalogue and of the
Kurucz and Peytremann (1975) line list. Laboratory oscillator
strengths were used as far as possible. When not available, we used
the Kurucz and Peytremann values, ajusted if necessary to provide
a better match of the solar spectrum. The synthetic spectra were
computed by W. Nijs at the Belgium Royal Observatory, with a
program written by J. Sauval. The instrumental profile is approx-
imated by a Gaussian, whose width is determined by comparing
computed and observed isolated lines. We obtain full widths at
half maximum of 0.32 A for HD 19445 and 0.36 A for HD 140283,
which correspond to a resolution of 0.23 and 0.26 A, respectively.
The oscillator strengths of the different CH bands are taken from
Larsson and Siegbahn (1983) and the adopted solar carbon
abundance is log A-=8.68 (Lambert, 1978). Examples of synthetic
spectra, computed with three different C abundances, are com-
pared with observations in Fig. 8.

The results are summarized in Table 7, from which two main
conclusions may be drawn.

(1) The carbon and iron deficiencies are roughly equal, which
confirms the results of previous analyses (Peterson and Sneden,
1978; Barbuy, 1981). This result suggests that C and Fe might be
produced during the same event, in contradiction with most
existing theories.

(2) Oxygen is strongly overabundant relative to iron and
carbon. A similar but less pronounced overabundance has been
found by Sneden et al. (1979). These authors, although obtaining
[O/H] values practically identical to ours, find [O/Fe] ~ +0.3 and
+0.6 for HD 19445 and HD 140283, respectively. The difference
comes from the use of different [Fe/H] values, Sneden et al.
adopting the results of Peterson (1978a), which are affected by the
systematic errors discussed in Sect. 4. These systematic errors are
probably responsible for the peculiar behaviour of [O/Fe] relative
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Table 7. Detailed abundances
Element M [M/H] [M/Fe] o
HD 19445 HD 140283 HD 19445 HD 140283 HD 19445 HD 140283

C —2.25 —2.76 +0.08 +0.24 - -
O —1.56 —1.79 +0.77 +1.21 0.10 0.03
Na —1.9: —3.0: +0.4: 0.0: 0.02 0.19
Mg —1.84 —2.57 +0.49 +0.43 0.07 0.03
Al —-2.6 3.7 —-0.3 —-0.7 - -
Si —1.8 —-25 +0.5 +0.5 - 0.27
Ca —1.95 —2.62 +0.38 +0.38 0.07 0.04
Ti —-2.07 —2.74 +0.26 +0.26 0.12 0.08
Cr —2.54 —3.22 —0.21 —0.22 0.04 0.08
Mn —2.74 —3.44 —0.41 —0.44 0.20 0.05
Fe —233 —-3.00 0.00 0.00 0.05 0.04
Co —2.1: —26: +0.2: +0.4: - -
Ni —2.28 —2.92 +0.05 +0.08 0.14 0.13
Sr -20 —34 +0.3 —-04 0.13 0.09
Y —24: —3.6: —0.05: —0.6: 0.16 0.12
Ba —24 -39 —0.05 -0.9 - —

Note: the results marked with a colon should be considered as preliminary

to [Fe/H] noted by Sneden et al. In fact, these authors obtain an
oxygen overabundance increasing with the iron deficiency as long
as [Fe/H] =z —0.5 and abruptly stabilizing for more metal-poor
stars. This sudden change near [Fe/H]= —0.5 was difficult to
understand. Our results suggest a continuous increase of [O/Fe]
as [Fe/H] decreases.

7.2. Sodium, magnesium and aluminium

The abundance of Al relative to Mg is a key test of explosive
nucleosynthesis theories. It has been discussed in a previous paper

(Arpigny and Magain, 1983). The Al abundance was determined
from the two violet resonance lines of Al 1, while the Mg abundance
was deduced from three weak lines of Mg1. The main conclusions
were the following.

(1) One of the two lines used for the Al abundance determi-
nation (43944.0) is perturbed by CH lines. This accounts for the
anomalous intensity ratio of these lines in metal-poor stars. The
3944 A line should not be used to compute the Al abundance.

(2) The overdeficiency of Al relative to Mg is in good
agreement with the computations of explosive carbon burning
(Arnett, 1971).
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(3) The two stars behave in the same way, contrary to what has
been stated before (Spite and Spite, 1980; Peterson, 1978b). No
special process is thus required to explain a hypothetical difference
between hotter and cooler stars.

Note that the small difference between the results of Arpigny
and Magain (1983) and those of Table 7 is due to the use of
different model atmospheres.

The explosive nucleosynthesis calculations (Arnett, 1971)
predict a similar overdeficiency of Na relative to Mg. We have
tried to compute the Na abundance from the D lines near 5890 A.
The oscillator strengths are taken from Wiese and Martin (1980),
the damping enhancement factor is f;=1.2 (Edvardsson, 1983)
and the solar Na abundance is log Ay, = 6.32 (Lambert and Luck,
1978). In the case of HD 19445, the equivalent widths are measured
on the mean of five OHP spectra (emulsion: ITa-D or 098-02,
reciprocal dispersion: 20.4 Amm~!). We obtain 173 and 146 mA,
respectively. For HD 140283, we use the data of Baschek (1959),
who gives 100mA for both lines. We find no significant overdefi-
ciency of Na relative to Mg (Table 7), in contradiction with the
behaviour of Al and with the explosive nucleosynthesis calcula-
tions. Since the Na equivalent widths are less accurate than the
ones we normally use, this result should be considered as
preliminary. However, if confirmed, this contradiction would
require further investigations. In particular, one should look for
possible non-LTE effects in the formation of the Al and Na
resonance lines.

7.3. Silicon and calcium

These elements are primarily synthesized during oxygen burning
(Cameron, 1973; Trimble, 1975). They belong, with Mg, to the
class of “a~elements”, which means that their main isotope has the
same (even) number of protons and neutrons.

Two Si1lines are measurable on our spectra. The 3905.5 A line
is quite strong: the deduced abundance is thus sensitive to the
choice of the damping constant. The 4102.9 A line is weak but
unfortunately situated in the wing of H,; which makes the
equivalent width measurement rather tricky, especially in the case
of HD 140283. We have thus adopted the following procedure for
the Si abundance determination. In the case of HD 19445, where
the equivalent width of the 4102.9 A line is reasonably accurate, we
derive the Si abundance from this single line. We then determine
the damping constant of the 3905.5 A line by forcing the equality of
the abundances deduced from the two lines. We obtain fi=2.0.
With this value, we may then determine the Si abundance in
HD 140283 from this line. The line being slightly weaker in
"HD 140283, this procedure has the advantage of reducing the
uncertainty on the abundance due to the damping constant. The
final result for that star is the mean of the abundances deduced
from the two lines, with double weight for the weak line. We use the
oscillator strengths of Garz (1973) and the solar abundance of
Lambert and Luck (1978), namely log Ag;=7.63.

The Ca abundance is determined from 4 weak lines of Ca 1, with
the oscillator strengths of Smith and O’Neill (1975) and a solar
abundance logAc,=6.36 (Smith, 1981). The dispersion of the
abundances deduced from the 4 lines amounts to some 0.05 dex
only, which indicates that both the oscillator strengths and the
equivalent widths are of good quality. As expected, the Si
abundance is less well determined.

The results are summarized in Table 7, which shows that the
“a-elements” are significantly overabundant relative to iron. Note,
moreover, the remarkable similarity of the relative abundances in
the two stars.

7.4. The iron group elements

The iron group elements (Ti to Ni) are generally considered as
being synthesized during explosive silicon burning. The calcu-
lations of Arnett (1971) predict an odd-even effect similar to the
effect found in the products of explosive carbon burning, although
less pronounced. The analysis of this odd-even effect is com-
plicated by the fact that the lines of the elements with an odd
number of protons are generally affected by hyperfine structure
which, by broadening the lines, may “desaturate” them, in a way
similar to microturbulence. The neglect of hyperfine structure may
thus cause significant errors.

(1) If the analysis is differential relative to the sun, and if the
stellar lines are weak, the solar equivalent widths will be more
affected by hyperfine structure. The solar abundance will be
overestimated if hyperfine structure is neglected. This will lead to a
spurious overdeficiency of the odd elements in the metal-poor
stars.

(2) If the analysis is absolute, the result will be an equally
spurious underdeficiency of these elements.

For an illustration of these effects, see Beynon (1978b).

The titanium abundance is determined from 4 weak lines of
Ti1, with the very accurate oscillator strengths of Blackwell et al.
(1982c) and a solar abundance log Ar;=5.10.

We shall not attempt to derive the vanadium abundance since
we lack good oscillator strengths as well as accurately measurable
lines.

In the case of chromium, we use 3 Cr1 lines (2 for HD 140283).
The oscillator strengths are from Blackwell et al. (1984b) and the
solar abundance is log A, =5.67 (Biémont et al., 1978).

The manganese abundance is determined from two Mni1
resonance lines. The oscillator strengths are from Booth et al.
(1984). The hyperfine structure has been accurately determined
(Booth et al., 1983) and is taken into account in detail. We use the
solar abundance recommended by Grevesse (1984): log Ay, =5.45.

The iron abundance is computed from a number of Fe1 lines
with oscillator strengths from the Oxford group (Blackwell et al.,
1982a, and references therein). The 2.2 eV lines have been rejected
on the basis of their anomalous behaviour (see Paper1 and
Blackwell et al, 1984a). We adopt the damping constants of
Simmons and Blackwell (1982) and a solar abundance log A,
=7.65.

The cobalt abundance is determined from the single Co1line at
4121.3 A, with the oscillator strength of Cardon et al. (1982) and
the solar abundance obtained by these authors: logA.,=4.92.
Since we lack accurate hyperfine structure data for that line, we
estimate its effect on the Co abundance by adding a fictitious
microturbulent velocity. The line being rather weak, the corre-
sponding uncertainty on the Co abundance should not exceed
0.1 dex.

Finally, the nickel abundance is deduced from 8 Ni1 lines, with
oscillator strengths from the Fuhr et al. (1981) compilation. Since
some of these lines are rather strong, we determine the damping
constant by forcing the strong lines to give the same abundance as
the weaker ones. We obtain fg=1.75. In the case of HD 140283, we
use the 4 lines measurable on our spectra (4> 3600 A). The solar
abundance is taken from Grevesse (1984): log Ay; =6.25.

The results are summarized in Table 7 which shows that the
relative abundances are practically identical in the two stars
(within the error bars). Since these results are obtained from lines
of neutral elements with similar excitation and ionization poten-
tials, any error on T or logg will leave the relative abundances
nearly unchanged. Since, in addition, the dispersion of the results
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from different lines of the same element is generally low, the main
cause of uncertainty on these relative abundances lies probably in
the absolute scale of the oscillator strengths, which is not always
accurately known.

The most striking result, apart from the similarity of the
relative abundances in the two stars, is the Mn overdeficiency, in
agreement with the predictions of explosive nucleosynthesis. This
result is also compatible with the conclusions of Beynon (1978a),
who proposes the relation [Mn/Fe] ~0.2 [Fe/H] from the analysis
of a sample of Population I stars, with [Fe/H]> —0.7. The halo
stars thus seem to behave like the disk stars, the Mn abundance
varying somewhat more rapidly than the Fe (and other even
elements) abundance. The results for Co do not confirm, however,
the overdeficiency of the odd elements. Let us recall the similar
discrepancy between the Al/Mg and Na/Mg abundance ratios.
Nevertheless, it should be pointed out that the Co abundance (as
the Na abundance) is less well determined.

Another interesting result is that we find no significant Ni
overabundance, in contrast with the results of Luck and Bond
(1983) for a sample of metal-deficient giants.

7.5. The s elements: strontium, yttrium and barium

It is generally considered that the dominant isotopes of these
elements are synthesized by the s process, i.e. the slow capture of
neutrons by seed nuclei (Burbidge et al., 1957; Trimble, 1975). The
rate of formation of these “secondary elements” is predicted to be
proportional to the number of seed nuclei, mainly Fe nuclei. The
simplest models thus lead to a relation of the type:

[s/Fe]~[Fe/H], M

where s represents any s element.

The barium abundance is derived from the only barium line
measurable on our spectra, which is the resonance line of Ba1 at
4554.0 A. This line has an equivalent width of 58 mA (18 mA) in the
spectrum of HD 19445 (HD 140283) and is thus well suited for the
determination of the Ba abundance. Its oscillator strength is well
known from lifetime measurements (Wiese and Martin, 1980). The
strontium abundance is deduced from two moderately strong
resonance lines of Sr 1. The oscillator strengths are from Wiese and
Martin (1980) and the damping enhancement factors are assumed
to be fs=1.5 (as in all cases, unless specified). In the case of
yttrium, four weak lines are measurable in the ultraviolet spectrum
of HD 19445 but barely detectable in the case of HD 140283. The
oscillator strengths are from Hannaford et al. (1982). Since the
continuum is relatively poorly defined in that spectral region, the
Y abundance should be considered as preliminary. The solar Sr
and Ba abundances are taken from Holweger (1979): log A5, =2.93
and log A, =2.18, while the Y abundance is from Hannaford et al.
(1982): logAy=2.24.

The results may be found in Table 7. The relative abundances
[s/Fe] are plotted versus [Fe/H] in Fig. 9. The comparison of the
results for the two stars is compatible with Eq. (7), indicating a
secondary production of these elements in the halo. However, the
comparison with the sun is in complete disagreement with Eq. (7):
the straight line of slope unity fitted to the stellar points reaches
[s/Fe]=0 at iron deficiencies [Fe/H]~ —2, while the classical
models (Tinsley, 1979) predict a curve of slope close to 1 passing
through the solar point. This fact has been observed for the first
time by Spite and Spite (1978).

According to Twarog (1981), these results indicate an s element
production some 40 times more efficient in the halo than in the
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Fig.9.Plot of [Sr/Fe] (open circles) and [ Ba/Fe] (full circles) versus [Fe/H]. The
error bars for Sr are similar to those for Ba. The straight lines of slope 1 fitted to
the observed points are also represented

disk. Note that it might equally well indicate an iron production
less efficient in the halo than in the disk. If one of these
interpretations is correct, the less metal-poor halo stars should
show a strong overabundance of s elements relative to Fe (for
example, [Sr/Fe]~ + 1.0 and [Ba/Fe]~ +0.6 at [Fe/H]~ —1.5,
these values being obtained by extrapolating our data).

Another interpretation has been proposed by Truran (1981),
according to whom we are not detecting in the most metal-poor
stars the isotopes produced by the s process, but the isotopes (less
abundant in the solar system) synthesized by the r process. This
interpretation would allow the most metal-poor stars observed to
belong to the second stellar generation, while the observation of
secondary elements in their unevolved atmospheres would imply
that these stars are members of the third generation. Although this
interpretation is very attractive, it does not explain easily the
observed variation of [s/Fe] with [Fe/H]. Indeed, if the (primary)
r process isotopes dominate in the metal-poor stars and the
(secondary) s process isotopes dominate in the Population I stars,
one would expect a constant (negative) value of [s/Fe] in the halo
stars, followed by a rise towards unit slope in the disk stars. This is
just the contrary of the observed behaviour.

Finally, M. Gabriel (private communication) has suggested
that this difference of behaviour between the halo and the disk
stars might be the consequence of a transition from an s elements
production limited by the number of seed nuclei (in the halo stars)
to a production limited by the number of neutrons available (in the
disk stars).

8. Discussion

The relative abundances discussed in the preceding section are
summarized in Table 7 and Fig. 10. Also given in Table 7 are the
standard deviations of the individual line abundances. These do
not correspond, of course, to the total uncertainties on the deduced
abundances, but only represent the internal accuracy of our data,
mainly equivalent widths and oscillator strengths. As far as the
relative abundances are concerned, the total uncertainty should
not exceed some 0.1 dex (see Table 11 of Paper I) if there are no
significant non-LTE effects or errors on the oscillator strengths.
This estimate is valid for the elements with a sufficient number of
weak lines (O, Mg, Ca, Ti, Cr, Fe). In particular, the analysis of
elements with very accurate relative oscillator strengths, such as
Ca and Fe, shows that the uncertainty on the equivalent width of a
single weak line is responsible for an uncertainty of roughly
0.05 dex on the abundance.
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Fig. 10. Abundances of the elements in the atmospheres of HD 19445 (full circles)
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Fig. 11. The abundances of some elements in the atmospheres of HD 19445 (full
circles) and HD 140283 (open circles) are compared to the predictions of two
SMO models of Wallace and Woosley (1981): x : model C, + : model F

The first striking result is the similarity of the relative
abundances in the two stars analysed. This similarity is even more
striking if we consider only the elements with an even number of
protons, from Mg to Ni. For these 7 elements, the relative
abundances are practically identical: the deficiency of HD 140283
relative to HD 19445 amounts to —0.68 (+0.03) dex. This 0.03 dex
(7%) dispersion is of the same order of magnitude as the error on
the mean abundances coming from the equivalent width un-
certainties alone. We may thus conclude that, within the accuracy
of our analysis, the relative abundances of these elements are
identical in the two stars. Comparing now the abundances of these
7 elements in the halo stars with the corresponding values in the
sun, Table 7 and Fig. 10 show that the deficiency increases with the
atomic number. This trend may be interpreted as indicating a
variation of the relative efficiency of the different nucleosynthesis
processes when going from the halo to the disk: in the halo, the
processes operating at a relatively low temperature (He burning,
followed by C and O burnings) would be relatively more efficient

107

than the processes taking place at higher temperatures (Si burning
and nuclear equilibria), when compared with the nucleosynthesis
processes occurring in the disk.

The Spite?-type behaviour of the s(?) elements may be
considered as another important result of our analysis. In any case,
it presents a strong challenge to the galactic evolution theorists.
Another important point should nevertheless be mentioned: this is
the overabundance of Sr relative to Ba. The s process nucleosyn-
thesis calculations (Truran and Iben, 1977) predict that the light
s elements (e.g. Sr) are formed primarily in rather massive stars
(M>15 M) while the heavier s elements (e.g. Ba) are produced by
intermediate mass stars (within 2 and 8 M ). The overabundance
of Sr relative to Ba would therefore indicate a larger contribution
of the massive stars to the nucleosynthesis in the halo than in the
disk. This is in agreement with the conclusions drawn from the
strong oxygen overabundance. It should be pointed out, however,
that these observations do not necessarily imply that the initial
mass function has varied through the galactic history, although
this interpretation is the most likely. In fact, the shorter lives of the
massive stars may quite naturally increase their contribution to
the enrichment of the interstellar gas at the very beginning of the
galactic evolution.

Apart from the “standard model”, according to which most
elements are synthesized by the successive stellar generations,
other hypotheses have been proposed to account for the distri-
bution of the elements in the halo stars. The most popular of these
alternative models suggests that the elements present in the
atmospheres of the unevolved halo stars have been synthesized by
pregalactic “super massive objects” (SMO). Such objects, with
masses M =103 M, would be able to produce most elements in
quantities roughly comparable to the abundances observed in the
most metal-deficient stars. However, the computations do not fit
at all the observed relative abundances, as is shown in Fig. 11
where the abundances of a number of elements in the stars
considered are compared to the predictions of two typical SMO
models (Wallace and Woosley, 1981). The disagreement between
the models and the observations is especially strong for the lighter
elements, such as C, O, and Ca.

Our results thus suggest that the standard model provides the
best fit to the observations, which confirms the conclusions of most
(if not all) recent analyses. It should be pointed out, however, that,
the strength of that model lies primarily in the weakness of its
predictions. By this we mean that this model involves such a large
number of different processes occuring in different objects or in
different circumstances that it does not lend itself to really decisive
tests: it is really hard to find any result which might be in clear
contradiction with some definite prediction of that model. If
confirmed, however, some results of our analysis might constitute
a severe challenge for that model. Let us simply recall the probable
contradiction between the Al/Mg and Na/Mg abundance ratios,
as well as between the Mn/Fe and Co/Fe ratios, or the Spite2-type
behaviour of the s elements.

At the present stage, it seems to us that any significant progress
in the understanding of the early chemical evolution of the Galaxy
will come from the accurate analysis of a sufficient number of
representative stars. It is clear to us that the stellar spectroscopists
interested in the halo stars should put the emphasis on the quality
of the observational data, and not on the quantity, as was often the
case in the past. The best way to slow down our progress in the
understanding of the early stages of the galactic evolution is to
swamp the theorists with unreliable data. As is illustrated in
Table 8 and in Fig 2 of Arpigny and Magain (1983), many
analyses (including recent ones) do not give sufficiently reliable
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Table 8. Comparison of the relative abundances [M/Fe] obtained
by different authors

Element AG CS S2 P M
a) HD 19445

C —0.50: —0.15 +0.08
Mg +1.17 +0.74 +1.0? +0.11 +0.49
Al +0.21: -0.02 +0.4 —1.01 —0.3
Si +0.55: +0.58 +0.5
Ca +0.38 +0.24 +0.43 +0.38
Ti +0.39 +0.24 +0.19 +0.26
Cr +0.07 —0.06 —0.21
Mn +0.21 +0.34 —0.41
Co +1.2: +0.81 +0.2:
Ni +0.22 —0.45 +0.05
Sr —0.17 +0.3
Ba —0.40 —0.20 —-0.3 —0.05
b) HD 140283

C —1.42: +0.65 +0.10 +0.24
Mg +0.12 +0.52 —0.3 —0.12 +0.43
Al —0.75: -0.77 —0.6 —0.20 -0.7
Si —0.25 +0.20 +0.5
Ca —0.04 +0.54 +0.38
Ti +0.20 +0.33 +0.26
Cr +0.39 +0.28 —0.22
Mn —0.01 —0.10 —0.44
Co +0.54 +0.02 +0.4:
Ni +0.57 +0.47 +0.08
Sr —0.05 —0.4
Y —0.61: —0.22 —-04 —0.6:
Ba —0.61 —0.86 —0.8 —0.9

Notes to Table 8

(1) AG=Aller and Greenstein (1960); CS=Cohen and Strom
(1968); S? =Spite and Spite (1978); P =Peterson (1981) or Peter-
son and Sneden (1978); M =this paper

(2) If the abundance is determined from the two ionization stages,
we adopt the mean of the two values

(3) In the case of CS, we adopt the mean of the results obtained
with the two selected models

Table Al. Equivalent widths

results. Even for such unpeculiar elements as Mg, Fe, and Ni, the
results of different authors may disagree by as much as an order of
magnitude.

As already indicated in the Introduction, our aim was not only
(1) to realise a detailed and accurate analysis of representative halo
dwarfs in view of providing the theorists with reliable obser-
vational data, but also (2) to shed some light on the possible
uncertainties or drawbacks of past analyses. As far as point (1) is
concerned, we hope that our work has allowed to improve the
general knowledge of the halo dwarfs. However, some points
clearly need further investigations. First, as Sect. 6 has shown, our
understanding of the evolution of these stars may be far from
satisfactory. Second, it would be very interesting to obtain the
abundances of the s elements in a sample of halo dwarfs with
different iron abundances, and especially in the less metal-poor
halo stars. Third, the Al/Mg, Na/Mg, Mn/Fe, and Co/Fe abun-
dance ratios need further investigations, using non-resonance
weak lines if possible. It would also be very interesting to obtain
reliable nitrogen abundances in the extreme halo dwarfs. And,
finally, the effects of convection on the atmospheric structure of
these stars should be investigated with the help of high resolution
observations of line profiles and of sophisticated models such as
Nordlund (1982) numerical simulations.
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N. Grevesse, B. Gustafsson and M. Spite for stimulating dis-
cussions. We also wish to thank B. Gustafsson for allowing us to
use a copy of his model atmosphere program, L. Delbouille for
help with the HP 2100 computer and J. Bosseloirs who kindly
made the drawings.

Appendix. Equivalent widths

The line equivalent widths measured on our spectra are given in
Table Al. The wavelengths 4 arein A, the excitation potentials y in
eV and the equivalent widths W, in mA. In the case of HD 140283,
the equivalent widths of the lines with 4 <3900 A are the mean of
the values measured on the OHP and ESO spectra, the latter being
corrected according to Eq.(1). All other equivalent widths are
measured on the OHP spectra. The values marked with a colon are
less accurate.

A Element X log(gf) Source W, (19445) W, (140283)
3515.1 Ni1 0.11 —0.24 @) 146

3549.0 Y 0.13 —0.28 (10) 12

3551.5 Nit 0.17 —2.56 G)) 22

3566.4 Nit 0.42 —0.27 4 131

3597.7 Nirt 0.21 —1.08 4) 84

3611.0 Yn 0.13 +0.01 (10) 28

36194 Nir1 0.42 0.00 @ 134 116
37103 Y 0.18 +0.46 (10) 29 10:
3774.3 Yo 0.13 +0.22 (10) 27 10:
3775.6 Nit 0.42 —1.35 4 65 58
3783.5 Ni1 0.42 —1.31 4) 84 72
38204 Fer 0.86 +0.119 ) 260 183
38259 Fer 091 —0.037 1) 209 160
3858.3 Ni1 0.42 —0.97 4) 85 76
3859.9 Fer 0.00 —0.710 ) 250 179
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Table A1 (continued)

A Element X log(gf) Source W, (19445) W,(140283)
3905.5 Sit 191 —1.09 )] 224 179
3906.5 Fel 0.11 —2243 ) 110 83
39203 Fer 0.12 —1.746 )] 117 114
39229 Fel 0.05 —1.651 1) 135 129
3944.0 Al1 0.00 —0.64 3) 140 95
3950.0 Fel 2.18 —1.154 (1) 35 28
3958.2 Tit 0.05 —0.157 1 43 21
3961.5 Al1 0.01 —0.34 (3) 123 80
3989.8 Tix 0.02 —0.188 ) 39: 25:
3998.6 Tit 0.05 —0.046 0] 43 22
4005.2 Fel 1.56 —0.610 @ 119 86
4021.9 Fe1 2.76 42 29
4028.4 Tin 1.89 —0.87 %) 26 19:
4033.1 Mn1 0.00 —0.618 1 76 72
4034.5 Mn1 0.00 —-0.811 1) 74 52
4044.6 Fer 2.83 22 16
4045.8 Fer 1.48 +0.280 (1) 263 167
4057.5 Mg1 4.34 —0.89 W) 48 18
4062.5 Fe1 2.84 31 21
4063.6 Fer 1.56 178 114
4068.0 Fel 321 32 24
4071.8 Fer 1.61 —0.022 @ 155 117
4073.8 Fer 3.26 18 15
4074.8 Fer 3.05 20 19
4077.7 Srn 0.00 +0.15 ©) 117 79
4078.4 Fe1 2.61 17 16
4102.9 Sit 1.91 —3.14 ) 37: 19:
4121.3 Co1 0.92 —0.32 ®) 37 34
4126.2 Fer 3.33 16 7:
4132.1 Fe1 1.61 109 83
41329 Fel 2.84 28: 10
4137.0 Fer 341 18 16
41434 Fe1 3.05 51 32
41439 Ferl 1.56 113 98
41477 Fe1 1.48 —2.104 1) 39 26
4153.9 Fel 3.40 32 17
4154.5 Fe1 2.83 41 25
4154.8 Fel 3.37 23: 23
4157.8 Fel 342 22 14
4167.3 Mg1 4.34 —0.71 7 56 23
4174.9 Fe1 091 —2.969 1) 17 20
4175.6 Fel 2.84 30 18
4176.6 Fer 3.37 20 13
4178.9 Fen 2.58 —2.60 ) 25 16
4181.8 Fe1 2.83 53 33
4187.1 Fe1 2.45 —0.548 1) 71 49
4187.8 Fer 242 —0.554 1 71 51
41914 Fe1 242 56 47
4195.3 Fel 333 26 15
4199.1 Fer 3.05 61 54
4202.0 Fe1 1.48 —0.708 1 110 98
4213.7 Fe1 2.84 19 13
4215.5 Srn 0.00 -0.17 6) 109 64
4216.2 Fel 0.00 —3.356 1) 42 38
4217.6 Fer 343 26 11
42222 Fel 2.45 —0.967 ) 46 29
4224.2 Fer 3.37 28 18
4226.7 Car 0.00 +0.24 6) 313 166
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Table Al (continued)

A Element X log(gf) Source W,(19445) W,(140283)
4227.4 Fel 3.33 72: 53
4231.0 Nirt 3.54 22 20
42332 Fen 2.58 —1.84 ) 49 44
4233.6 Fel 248 —0.604 1) 62 47
42359 Fe1l 242 —0.341 1) 96 77:
4238.8 Fel 3.40 37 26
4246.8 Scn 0.31 76 66
4250.1 Fel 247 —0.405 0] 66 56
4254.4 Cri 0.00 —0.108 1) 82 73
4260.5 Fel 2.40 118 81
4271.2 Fel 2.45 —0.349 1) 62:
4271.8 Fel 1.49 —0.164 ) 150: 105
4282.4 Fel 2.18 58 54
4283.0 Cal 1.89 50 42
4289.4 Cal 1.88 46 30:
4289.7 Cri 0.00 —0.388 )] 73 57
4290.2 Tin 1.16 —0.95 %) 55: 46:
4320.7 Scn 0.61 26 29
4321.0 Tin 1.16 —1.89 ) 23: 13:
4325.8 Fel 1.61 153 125:
4369.8 Fer 3.05 30 19
4371.3 Cr1 1.00 15
43759 Fel 0.00 —3.031 1) 61 52
4383.6 Fel 1.48 +0.200 @ 222 133
4394.1 Tin 1.22 —1.67 ) 19: 11:
4395.0 Tin 1.08 72 60
4399.8 Tin 1.24 —1.29 5) 42 29
4400.4 Scn 0.61 23 14:
4404.8 Fel 1.56 —0.142 1) 171 115
4415.1 Fel 1.61 —0.615 1 103 88
4416.8 Fen 2.78 —2.54 ©) 24 13
4417.7 Tin 1.16 —1.16 %) 44 32
4418.3 Tin 1.24 —225 %) 17: 10:
4425.4 Cal 1.88 —0.358 1) 40 20
44273 Fel 0.05 —3.044 1) 62 51
4430.6 Fel 222 —1.659 @) 20 13
4435.0 Ca1 1.89 —0.007 1) 65 38
4435.7 Cal 1.89 —0.517 1) 30 17
44424 Fel 2.20 —1.255 1) 41 23
4443.8 Tin 1.08 —0.69 ) 71 64
4444.6 Tin 112 —222 %) 12: 9:
44477 Fel 222 —1.342 1] 39 24
44533 Ti1 1.43 10:

4454.8 Cai 1.90 +0.258 0] 85 51
4461.7 Fer 0.09 —3.210 1) 53 45
4466.6 Fel 2.83 37 31
4468.5 Tin 1.13 —0.61 %) 74 63
4469.4 Fel 3.65 13: 10
44842 Fel 3.60 16 14
4489.8 Fer 0.12 —3.966 0] 18 12
44914 Fen 2.85 9

4494.6 Fer 2.20 —1.136 1) 44 27
4501.3 Tin 1.12 —0.74 ) 69 58
4508.3 Fen 2.85 —2.33 ©) 17 14
4515.3 Fen 2.84 —2.49 )] 22 8:
4518.0 Tit 0.83 —0.325 @) 12

4520.2 Fen 2.81 —2.55 ©) 16 12
4522.6 Fen 2.84 26
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Table A1 (continued)

A Element 2 log(gf) Source W, (19445) W,(140283)
4528.6 Fe1 2.18 —0.822 1) 65 46
4531.2 Fe1 1.48 —2.155 1) 26 22
4533.3 Ti1 0.85 +0.476 1) 26 18
4534.0 Tin 1.24 —0.64 %) 72 59
4534.8 Tit 0.84 +0.280 ) 15 12:
4554.0 Ban 0.00 +0.163 (6) 58 18
4555.9 Fen 2.33 —2.39 ) 14 10
4563.8 Tin 1.22 —0.82 %) 61 42
4572.0 Tin 1.57 —0.34 %) 72 52
4583.8 Fen 2.81 36
4603.0 Fe1 1.48 —2.220 1) 31 19
4646.2 Cr1 1.03 —0.727 1) 12

4703.0 Mg1 4.34 —0.38 7 91 42

Note to Table Al. The sources of oscillator strengths are the following: (1) Oxford group (Blackwell
and collaborators); (2) Garz (1973); (3) Wiese et al. (1969); (4) Fuhr et al. (1981); (5) gf values
selected for Tin (see Sect. 5); (6) Wiese and Martin (1980); (7) Froese-Fisher (1975); (8) Cardon et al.
(1982); (9) Moity (1983) corrected (see Sect. 5); (10) Hannaford et al. (1982)
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